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Black holes
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Black holes

Mass 

★Stellar mass black holes                                     

(1-10 M⦿)     Cygnus X-1     

★Intermediate mass black holes                     

(100-105 M⦿)     

★Supermassive black holes                                       

106-1010 M⦿            

Spin                                                                  
speed ~40-90 %c

Risaliti et al. Nature 2013 

Image credit: Chris Reynolds

Astrophysical black holes are described by two parameters only:



  

Co-evolution of BH & Galaxies

● Common in the center of 

present day galaxies 

● M-Sigma relation 

(Kormendy95, Gultekin+09,Debattista 

+13)

● Co-evolution of BH and 

host galaxy

● Observed in the early 

universe (Mortlock et al +11 

z=7.085, Venemans et al +13, Fan et al 

2006, 2003 z=6)

● Typical masses of ~109 M
☉

McConnell et al +13, Gultekin et al +9

Co-evolution of BHs and Galaxies

★ Common in the centres of 
present day galaxies 

★M-Sigma Relation                    
(Gultekin +09, Debatista+13)

★Co-evolution of BHs & host 
galaxies

Co-evolution or not?                 
Review by Kormendy & Ho 2013



Quasars!
Point-like, or star-like, 
radio sources which 
varied rapidly: ‘quasi-
stellar’ radio sources or 
quasars.!

The quasar 3C273 is 
640 Mpc~2.6 billion 
light years away.!

The luminosity of 
3C273 is more than 
100 times the 
luminosity of our entire 
galaxy. !

M. Volonteri,!
Brera 2013!

Quasars
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★ Supermassive black holes 

with ~109 solar masses 
have been observed at 
z>6. 

★ The highest-redshift 
black hole currently 
observed is at z=7.085 

and has 2x109M⦿ 

(Mortlock et al. 2011). 

★ The most massive black of 

1.3 x 1010  M⦿ at z=6.3 
(Wu et al. Nature 2015)

Wu et al. Nature 2015



Black hole formation scenarios

  

Direct collapse scenario

●  Direct collapse of a massive 
halo of 107-108 M

☉

● key requirements

Primordial composition

quench H
2 
formation

● Fragmentation remains 
suppressed

● Provides massive seeds of 105 
-106 M

☉

● The role of turbulence remains 
unexplored Regan et al 2009

★ Various ways to form massive 
black holes                        
(Volonteri 2010, Haiman 2012) 

★ Remnants of Pop III stars  

★ Collapse of a dense stellar 
cluster via stellar dynamical 
processes 

★ Monolithic collapse of a 
protogalactic gas cloud (Direct 
collapse)                                   



Black hole seeds from Pop III stars

  

BH seeds from the First stars 

Heger et al +02Heger et al. 2003



Black hole seeds from Pop III stars

✦ Form in minihalos of 105  -106  M⦿  

at z=20-30 

✦ Collapse is triggered by molecular 
hydrogen cooling 

✦ Very massive 200-300 M⦿  (Bromm 
2000. Abel 2002)   

✦ Current simulations propose low 
mass stars (Clark+11, Greif +2012, 
Hosokawa +11,   Latif +2013, 
Hirano +2014)                       

BH seeds from the First stars 

● Formed at z=20-30

● Minhalos of 105-106 M☉

● Collapse induced by H2 

● Very massive of 200-300 M  ☉

(Abel +02, Bromm +03)

● Current Simulations propose 

lower masses (Stacy+12, Greif 

+12, Hosokawa +11, Hirano +13)

Clark et al +11

Latif et al APJ 722.3L



Fragmentation and clumps migration

★Analytical model for disk 
fragmentation 

★Assumptions:                                                               
Steady state condition                 
Marginally stable (Q=1) 
Embedded in large inflow 
rates of 0.01-0.001 M⦿/yr 

★ Solve for thermal balance  

★ Viscous Heating 

Latif & Schleicher: Black hole formation in high redshift protogalaxies

In the case of Keplarian rotation, ΩK =

√

GM∗
R3

. As realis-

tic disks are at least partially supported also via turbulent
and thermal pressure, we assume here that the rotation is
not entirely Keplerian, but adopt an efficiency parameter
ϵK = Ω/ΩK ∼ 0.5 which describes the deviations of the an-
gular velocity Ω from the Keplerian rotation. Using such a
rotational profile, the viscous heating rate can be evaluated
as

Q+ =
9
4
νΣΩ2. (5)

It may also be noted that similar expressions for the
viscous heating rate are given by Pringle (1981) and
Balbus & Hawley (1998).1 The cooling rate per surface area
of the disk can be computed as follows:

Q− = 2HΛH/H2 . (6)

Here ΛH/H2 is the atomic or molecular cooling rate in units
of erg/cm3/s and H is the height of the disk. To compute
the viscosity of the disk, we adopt the standard formalism
given by Shakura & Sunyaev (1973) as

ν = αcsH, (7)

where α is the viscous parameter and is calculated by com-
bining equations 1, 2, 3 and 7 as

α =
ṀtotG
3c3s
. (8)

Solving the thermal balance equation (i.e., Q+ = Q−)
with respect to Ω in the case of molecular cooling, we get
the following expression:

Ω
2
=
24πcs
9Ṁtot

(8 × 109)0.45
√

4πmpG
ΛH2 (9)

For the densities given in the disk (> 108cm−3), we
use the optically thick H2 line cooling by employing

the opacity factor min
[

1,
(

nH2/(8 × 109 cm−3)
)−0.45]

given by

Ripamonti & Abel (2004). We use the high density limit
for H2 cooling given by Galli & Palla (1998) adopted from
Hollenbach & McKee (1979). We further assume that the
transition from the molecular to the atomic cooling regime
occurs once the gas temperature reaches a value of ≥
4000 K. For atomic cooling regime, solving the thermal bal-
ance equation yields the following relation:

Ω
2
=
3Ṁtot(2πGmp)2.5

8πcs
f (T )ΛH (10)

where f (T ) is given as (Omukai 2001; Inayoshi & Haiman
2014)

f (T ) = 5.0 × 10−11T 1.2exp
(

−1.27 × 105

2T

)

. (11)

1 We note that there is a factor of two difference between the
expressions given by Pringle (1981) and Lodato (2007) which
comes from the fact whether one considers one side of the disk
or both sides. We do not distinguish here between both sides
of the disk and therefore use the expression given by Lodato
(2007).

Here ΛH is the atomic cooling function. We use the ex-
pression given in the appendix B of Anninos et al. (1997)
originally computed by Cen (1992) to take into account the
cooling due to the collisional excitation of hydrogen atoms
(known as atomic line cooling). We have checked using a
one-zone model that the latter indeed yields the dominant
contribution in this regime (Grassi et al. 2014). We note
that the differences between Eqs. (9) and (10) arise due
to the multiplication with the species abundances, as well
as the correction factor due to the optical depth. As we are
considering a case with a large inflow rate onto the disk, the
central star will form and grow via rapid accretion, and the
central star will also dominate the gravitational potential
at least on the scales considered here. The surface density
of the disk can be computed as

Σ =
cs
πG

√

GM∗
R3
, (12)

and density inside the disk is

n =
Σ

4πmpcs

√

GM∗
R3
. (13)

We estimate the initial masses of the clumps as

Mc,i = ΣH2. (14)

These clumps can grow via accretion and we compute the
maximum clump mass, the so-called the gap-opening mass,
by using the relation given in Levin (2007):

Mc = Mc,i

[

12π
α

0.3

]1/2 ( R
H

)1/2
. (15)

The mass accretion rate onto the clumps (Ṁc) is estimated
as:

Ṁc =
3
2
ΣΩ (RH)2 , (16)

where RH is the Hill radius given as

RH = R (Mc/30M∗)1/3 . (17)

M∗ is the mass of the central star. The Kelvin-Helmholtz
(KH) contraction time scale is estimated as :

tKH =
Mc

Ṁc
∼ 104

(

Mc

30M⊙

) [

Ṁc

3 × 10−3M⊙yr−1

]−1

yr. (18)

The Kelvin-Helmholtz (KH) contraction time scale given
above is equivalent to the mass accretion time scale and is
valid in the presence of high accretion rates (0.1 M⊙/yr),
which remain in the stage of adiabatic evolution as long
as the accretion rate is high. In the case of accretion rates
below 10−2 M⊙/yr, we compute the KH timescale using the
following expression (Hosokawa et al. 2012):

tKH =
GM2

∗

R∗L∗
, (19)

where M∗ is the mass, R∗ is the radius and L∗ is the lumi-
nosity of the protostar. We use Eq. (4) of Hosokawa et al.
(2012) to compute the luminosity and their Fig. 5 to esti-
mate the radius of the star. The clumps formed inside the
disk will migrate inward provided that the migration time
scale is shorter than the time for the clumps to contract

3
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Clump masses & time scales comparison

Latif & Schleicher 2015 MNRAS, 449, 77L
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Figure 2. The properties of the disk are plotted against the radius for the disk mass dominated case. The red and blue lines represent
accretion rates of 10−2 M⊙/yr and 10−3 M⊙/yr respectively. The left panel shows the CIE cooling regime while the right panel depicts H2
cooling regime. The vertical magenta line shows the fragmentation radius and the horizontal green line marks the point where α = 1.
The viscous parameter α, the initial clump masses, accretion rates onto the clumps and their masses after the accretion are shown here.

6 Latif et al.

Figure 3. The ratio of the Kelvin Helmholtz to the migration time scales is shown here for the disk mass dominated case. The red and
blue lines represent accretion rates of 10−2 M⊙/yr and 10−3 M⊙/yr respectively. The left panel shows the CIE cooling regime while the
right panel depicts H2 cooling regime.

3 RESULTS

We present our results in this section. In the following sub-
sections, we describe the properties at the initial stage of the
collapse where most of the mass lies inside the disk. We also
consider the late stage of disk evolution when central star
is formed and investigate how it changes the disk structure.
The potential impact of the stellar UV feedback on the disk
is explored in the last section.

3.1 The initial stage of fragmentation
(disk-dominated)

The properties of a marginally stable disk are computed by
solving the set of equations presented in the previous section
and are shown in figure 1. We consider here typical accre-
tion rates of 10−2 M⊙/yr (hereafter called Ṁ−2) & 10−3 M⊙/yr
(hereafter called Ṁ−3) often found in numerical simulations.
For cooling, we consider optically thick H2 line cooling be-
tween densities of 109−1014 cm−3 and above 1014 cm−3 cooling
due to the CIE. These are the major cooling mechanisms in
in these regimes. The thermal evolution of the disk is deter-
mined by solving the energy conservation equation(Q+ = Q−)
and is shown against the disk radius. As the density inside
the disk increases, H2 line cooling becomes optically thick
and the gas is heated up to 3100 K around 10 AU while the
temperature declines towards larger radii. The temperature
of the disk at 300 AU is about 400 K. It is found that the
temperature of the disk is almost two times higher for Ṁ−2
compared to Ṁ−3. Towards smaller radii, the optically thick
H2 cooling becomes inefficient, and therefore other cooling
channels need to be considered.

In particular, the CIE cooling becomes effective and re-
duces the disk temperature to about 1400 K for Ṁ−2 and
1000 K for Ṁ−3. The particle density in the disk varies from
1010 − 1014 cm−3 between 10-300 AU and 1014 − 1017 cm−3
within the central 10 AU. The density profile follows R−1.5 in
the inner 10 AU and R−2.6 between 10-300 AU. The density is
about a factor of two higher for Ṁ−2. The surface density is
shallower within 0.1-10 AU (104−5×105 g/cm2) and becomes
steeper between 10-300 AU as it varies from 30 − 104 g/cm2.
The mass of the disk at a given radius is shown in the bottom

panel of figure 1. The disk is about two times more massive
for Ṁ−2 in comparison with Ṁ−3.

Motivated by the hydrodynamical simulations and ana-
lytical studies which show that the disk becomes unstable for
α > αcrit (Gammie 2001; Rice et al. 2005; Inayoshi & Haiman
2014), Zhu et al. (2012) investigated the fragmentation in
a protoplanetary disk by performing numerical simulations
and show that the disk becomes unstable for α > 1.0. To
measure the stability of the disk we use α > 1.0 in our model
as a fragmentation criterion but also discuss below how this
choice affects our results. We hereafter call this point the
fragmentation radius. We have computed the value of α for
the disk and it is shown in figure 2. The results from our
model show that the value of α remains lower than 1 inside
the central 10 AU for both accretion rates. At larger radii,
α remains lower than one for Ṁ−3 but becomes larger than
one for Ṁ−2 around 100 AU. Based on these results, it is
expected that the disk remains stable for smaller accretion
rates (i.e. Ṁ−3) and becomes unstable at larger radii for Ṁ−2.
However, for 0.06 < αcrit < 1.0 (see our discussion below) the
disk becomes unstable and may even fragment at smaller
radii. In fact, high resolution simulations show fragmenta-
tion on scales of less than 1 AU but it is not clear whether
these clump will form stars as the simulations were evolved
only for very short time scales (Greif et al. 2012).

We have also estimated the masses of the clumps which
are shown in figure 2. They have sub-solar masses and are
more massive in the outer parts of the disk than inside. The
typical accretion rates on the clumps shown in figure 2 are
about 10−3 M⊙/yr and about an order of magnitude higher
for Ṁ−2. The clumps grow via accretion from the ambient
medium and their masses are increased by an order of mag-
nitude. The final masses of the clumps are shown in the
bottom panel of figure 2. It is found that final clump masses
in the outskirts of the disk reach about a solar mass for Ṁ−2.
To know the fate of these clumps, we have computed their
migration time and compared it with the Kelvin-Helmholtz
contraction time scale (TKH). The comparison is shown in
figure 3, it is found that the migration time is shorter than
the TKH. Therefore, clumps will migrate inward before they
reach the main sequence and produce UV feedback.



Formation of low mass stars

Bovino, Latif, Schleicher, Grassi 2014 MNRAS
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Figure 5. Density, temperature, and HD mass fraction projections, for the run where merging occurs at a scale of 10 pc for two different
redshifts, z = 11.44 (upper panel), and z = 11.43 (lower panel).
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★ A possible route is enhanced HD 

cooling  

★Mergering of DM halos leads to 

a high ionization degree  and 

catalyse the formation of HD  

★HD molecules cools the gas down 

to the  CMB temperature ~60 K 

at z=12        

Merging 3

Table 1. Chemical network employed in the simulations.

Reactions

1) H + e− → H+ + 2e− 15) H− + H → 2H + e−

2) H+ + e− → H + γ 16) H− + H+
→ 2H

3) He + e− → He+ + 2e− 17) H− + H+
→ H+

2 + e−

4) He+ + e− → He + γ 18) H+
2 + e− → 2H

5) He+ + e− → He2+ + 2e− 19) H+
2 + H−

→ H + H2

6) He2+ + e− → He+ + γ 20) 3H → H2 + H
7) H + e− → H− + γ 21) H2 + 2H → 2H2

8) H− + H → H2 + e− 22) H+ + D → H + D+

9) H + H+
→ H+

2 + γ 23) H + D+
→ H+ + D

10) H+
2 + H → H2 + H+ 24) H2 + D+

→ HD + H+

11) H2 + H+
→ H+

2 + H 25) HD + H+
→ H2 + D+

12) H2 + e− → 2H + e− 26) H2 + D → HD + H
13) H2 + H → 3H 27) HD + H → H2 + D
14) H− + e− → H + 2e− 28) D + H−

→ HD + e−

halo finder (Eisenstein & Hu 1999). The merger history of
this halo is depicted in Fig. 1 and is very different from the
isolated case which has not gone through a major merger
and is formed at z = 20. We re-run our simulation with
the box centered in the selected mini-halo adding two addi-
tional nested grids. As we want to follow the merging pro-
cess leading to our mini-halo we adopt a refinement strat-
egy which copes with the computational demands of these
calculations. From z = 99 to z = 12 (the time at which
the merging processes is almost over) we allow 21 levels of
refinement and 32 cells per Jeans length. With the same
resolution we then follow the evolution of the mini-halo un-
til a density of 108 cm−3, the range of interest to study
the effect of HD cooling. Our refinement strategy is based
on overdensity, Jeans length, and particle mass and is ap-
plied during the course of the simulations to ensure that all
physical processes like shock waves and Truelove criterion
(Truelove et al. 1997) are well resolved. A final resolution of
∼190 AU in comoving is achieved.

2.1 Chemical model

The chemical and thermal evolution of the gas is consis-
tently solved along with the hydrodynamical equations by
employing the astrochemistry package KROME (Grassi et al.
2014). The latter is well suited for the study of many chem-
ical environments and employs very accurate and efficient
solvers as already shown and discussed in previous works
(Bovino et al. 2013a; Grassi et al. 2013; Bovino et al. 2014).
To include KROME in ENZO we used the patch directly pro-
vided by KROME and publicly released with the package1.
Our chemical network includes 28 reactions, listed in table
1, and 12 species: H, H+, H−, H2, H

+
2 , He, He+, He2+, e−,

D, D+, and HD. The reaction rates are the same already
discussed in many papers (for details see Abel et al. 1997;
Ripamonti 2007). The network (react primordial) is avail-
able with KROME. In a previous work, Turk et al. (2011a)
discussed the uncertainty in the H2 three-body formation
rates: we employ here the latest accurate available rate from

1 Webpage KROME: http://kromepackage.org

Figure 1. Density projections showing the merging of various
halos at different redshifts. The overplotted circles represent halos
of at least few 105 M⊙ and the plot scale is 2 kpc.

Forrey (2013a,b) which has already been tested in primor-
dial star formation studies in a recent paper (Bovino et al.
2014). Heating and cooling include: H2 formation heat-
ing as described in Omukai et al. (2005), H2 cooling as re-
ported in Glover & Abel (2008), bremmsstrahlung, H and
He line cooling (Cen 1992), HD cooling by Lipovka et al.
(2005), and collisionally induced emission (CIE) cooling as
discussed in Grassi et al. (2014). In addition, we include
the optically thick correction for the H2 cooling following
Ripamonti & Abel (2004) and Grassi et al. (2014). More de-
tails about the cooling and the heating functions can be
found in the KROME paper (Grassi et al. 2014) where they
are extensively discussed. It is worth noting that three-body
processes and the CIE cooling, as well as the optical thick
correction, are not important in this study as we look at an
intermediate range of densities, 104 < n <108 cm−3, while
the above contributions play an important role in the high-
density regime (n > 108 cm−3). We decided to include them
anyway for the sake of completeness.

To accurately solve the evolution of the chemical species
and the temperature, we employ the following tolerances for
the DLSODES solver: a relative tolerance RTOL=10−4, and an
absolute tolerance ATOL=10−10. These tolerances ensure
good performance without loosing accuracy.



Black hole seeds from Pop III stars

Hirano et al. 2014

  

BH seeds from the First stars 

● Formed  at z=20-30

● Minhalos of 105-106 M
☉

● Collapse induced by H
2
 

● Very massive of 200-300 M
 ☉

(Abel +02, Bromm +03)

● Current Simulations propose 

Hirano et al +13Caution: This does not represent IMF of Pop III star



Black hole seeds from stellar dynamical 
processes

  

BH seeds from Stellar cluster

Devecchi et al +12

● Metal enrichment

● Nuclear star cluster

● Relativistic Instability

Also see Portegies Zwart et al. 1999, Omukai et al. 2008 and Latif et al. 2015



Direct collapse scenario

  

Direct collapse scenario

●  Direct collapse of a massive 
halo of 107-108 M

☉

● key requirements

Primordial composition

quench H
2 
formation

● Fragmentation remains 
suppressed

● Provides massive seeds of 105 
-106 M

☉

● The role of turbulence remains 
unexplored Regan et al 2009

★ Provides massive seeds of 
105-106 M⦿ 

★ Key requirement is to have large 
inflow rate of > 0.1 M⦿/yr 

★ Isothermal direct collapse with 
T~ 8000 K   

★ Primordial gas composition 

★ Requires strong LW flux to 
quench H2 formation                                      



Primordial gas chemistry  

H atomic 
cooling

J>Jcrit

H2 molecular 
cooling

J<Jcrit

Omukai 01, See 3D results from Latif et. al 2014 MNRAS



Supergiant protostar

Hoskawa et al. 2012, Schleicher, ML et al.  A&A 2013
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Latif et al. 2013, 2014, 2015

Cosmological simulations



Successes of 
Isothermal DC

Latif et al 2013 MNRAS 433 1607L

Global properties of simulated halos

  

Global Properties of Halos

Latif et al 2013 MNRAS 433.1607LLatif et al 2013 MNRAS 433 1607L, Also see Becerra et al. 215, Regan et al, 2009 & 2014 
Inayoshi et al. 214, Van Borm et al. 2014, Hosokawa et al. 2012,14

  

Central PropertiesSuccesses of Isothermal DC



  

State of Simulations

● Self-gravitating 
accretion disks 
are formed

● They have typical 
masses of few 
hundred solar

● SGS turbulence 
helps in 
suppressing the 
fragmentation

Latif et al 2013 MNRAS 
433.1607L

Latif et al. 2013 MNRAS 433 1607L

Simulations exploring the direct collapse

★Collapse occurs isothermally with T~ 8000 K       
★Provides large inflow rates of ~1M⦿/yr
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Figure 2. Spherically averaged and radially binned radial profiles at the end stage of our simulations are shown here. In the top panel,
the density, the temperature, the enclosed gas mass and the mass inflow rates while in the bottom panel, the radial velocity, the turbulent
velocity, the sound speed and the ratio of Vrot/σ. The red and blue lines represent halo1 and halo 2, respectively. The figure shows the
average behaviour of the above mentioned quantities at various stages of the collapse including the initial isothermal collapse, the H−

cooling and the radiation trapping regimes.

c⃝ 0000 RAS, MNRAS 000, 000–000

Latif, Schleicher & Hartwig 2015 (arXiv:1510.02788)

Impact of H- cooling & Realistic opacities



Impact of H- cooling & Realistic opacities
Black hole formation 9

Figure 3. The average density along the projection axis at the end stage of our simulations. The rows represent halo 1 and halo 2 while
the columns from left to right show projections along x, y and z axis for the central 0.1 pc. The figure shows that only single object forms
in the halo 1 while halo 2 shows two clumps. The masses of the clumps are a few M⊙ at this stage but are expected to grow rapidly at
later times.

Figure 4. Same as figure 3, showing the average temperature along the projection axis. The figure shows the local impact of H− cooling.

Schleicher D. R. G., Spaans M., Glover S. C. O., 2010, ApJ,
712, L69

Shang C., Bryan G. L., Haiman Z., 2010, MNRAS, 402,
1249

Shlosman I., Choi J.-H., Begelman M. C., Nagamine K.,

2015, ArXiv e-prints

Spaans M., Silk J., 2006, ApJ, 652, 902

Sugimura K., Omukai K., Inoue A. K., 2014, MNRAS, 445,
544

Toomre A., 1964, ApJ, 139, 1217

c⃝ 0000 RAS, MNRAS 000, 000–000

Latif, Schleicher & Hartwig 2015 (arXiv:1510.02788)



Latif, Schleicher & Hartwig 2015 (arXiv:1510.02788)

10 Latif et al.

Figure 5. The average density along the projection axis at the end stage of our simulations. The rows represent halo 1 and halo 2 while
the columns from left to right show projections along x, y and z axis for the central 20 AU part of both halos. It shows that on very
small scales the halo 1 is fragmented into two clumps while halo 2 has only single clump at its centre.

Figure 6. Toomre instability parameter ”Q” for both halos at the end stage of our simulations. The red and blue lines represent halo1
and halo 2, respectively. The plot shows that disks in the halos become marginally unstable between 1-10,000 AU due to the H− induced
cooling. However, overall no strong fragmentation is expected.

c⃝ 0000 RAS, MNRAS 000, 000–000

Impact of H- cooling & Realistic opacities



Masses of protostars/sinks

✦ Employed sink particles and followed       
the evolution for 200,000 yrs 

✦ Massive protostars of about 105 M⦿ 

are formed
  

Typical mass scale of DCBHs 

Latif et al 2013  MNRAS 436 2989L 

● SGS turbulence favors high accretion rates

● DCBHs are 105 M
sun 

Latif et al. 2013 MNRAS 436 2989L

  

Typical mass scale of DCBHs 

● Employed sink 
particles

● Followed accretion 
for 104 yrs

● Three distinct halos

of few 106 M
☉

● Supermassive stars 
of 2x105 M

☉

Latif et al 2013 MNRAS 436 2989L 



Fraction of metal free halos

Latif et al. 2015 submitted, Habouzit, ML et al 2016 
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Figure 10. The ratio of clump mass to the Jeans mass is plotted against the clump masses for various metallicities. The left panel halo
1 and the right panel halo 2. The red symbols represent the clumps forming for Z/Z⊙ = 10−6, the blue for Z/Z⊙ = 10−5 and the green for
Z/Z⊙ = 10−4. The clumps for Z/Z⊙ ≤ 10−5 are gravitationally unbound while the central clumps for Z/Z⊙ = 10−4 cases are gravitationally
bound and more massive. In general, the ratio of clump mass to the Jeans mass increases with clump masses.

Figure 11. Fraction of halos with metallicities below a given value (see legend) as a function of redshift. In this figure, we only show
the fraction of halos with masses between 2 × 107

− 108 M⊙ in a computational box of size 10 Mpc for Z/Z⊙ ≤ 10−4. The fraction of halos
with Z/Z⊙ ≤ 10−5 is about 1.5 times higher than the metal-free halos.

Ritter J. S., Sluder A., Safranek-Shrader C., Milosavljević
M., Bromm V., 2015, MNRAS, 451, 1190

Safranek-Shrader C., Milosavljević M., Bromm V., 2014,
MNRAS, 438, 1669

Sakurai Y., Hosokawa T., Yoshida N., Yorke H. W., 2015,
MNRAS, 452, 755

Schleicher D. R. G., Bovino S., Latif M. A., Ferrara A.,
Grassi T., 2015, ArXiv e-prints:1504.06296

Schleicher D. R. G., Palla F., Ferrara A., Galli D., Latif
M., 2013, A&A, 558, A59

Schleicher D. R. G., Spaans M., Glover S. C. O., 2010, ApJ,
712, L69

c⃝ 0000 RAS, MNRAS 000, 000–000



Estimates of Jcrit from 3D simulations

  

Realistic Pop II Spectra

Latif et al 2014
ArXiv:1408.3061L

Latif et al. MNRAS 2015 446 3136, Also see Hartwig, ML et al. MNRAS 2015



 Number density of DCBHs

Habouzit,Volonteri, ML et al. 2016

“Direct collapse" black hole seeds 7

Figure 4. Number density of halos that can host a DCBH. In grey we show the number density from previous studies. Symbols represent di↵erent radiation
intensity thresholds. Squares: JLW,crit = 30, circles: JLW,crit = 100, triangles: JLW,crit = 300, stars: JLW,crit = 30 without considering the metal-pollution from
galactic winds coming from star-forming regions. The light grey square is from A14 (post-processing of a hydrodynamical simulation), dark grey are the
results of D14 (analytical). Light grey stars are from Habouzit et al. (2015). The orange square shows the number density for Chunky (10 cMpc side box),
for the thermal SN feedback (0 regions are identified in the simulation employing the delayed cooling SN feedback). The blue squares, circle and triangle
represent the large-scale cosmological simulation Horizon-noAGN (142 cMpc side box).

diation intensity of JLW,crit = 100 we identify 2 regions at redshift
z = 9.83 and 153 at z = 7.31. Including the metallicity criterion
(Z 6 10�3.5Z�), there are 0 regions at redshift z = 9.83, and 42 at
z = 7.31. For a radiation threshold of JLW,crit = 300 we identify 1
region at redshift z = 9.83 and 13 regions at z = 7.31. Including
the metallicity criterion, we find 0 regions at redshift z = 9.83, 2
regions at z = 7.31 (Z 6 10�3.5Z�), and no region at z = 9.83. See
Table 2 for a summary. Metallicity appears to be a key parameter
in the direct collapse scenario, reducing significantly the number of
DCBH candidates (up to 25 % at z = 9.83, 45 % at z = 7.31).

It is important to notice here that the time-scale between two
outputs in the simulation are larger than the collapse time, either
the free-fall time or 10 Myr. Therefore we are missing the time
criterion of the direct collapse here: some of the candidates iden-
tified could be polluted by metals before the full collapse time has
elapsed and therefore before unable to form the DCBH. The radia-
tion intensity could also vary and not be enough to sustain molec-
ular hydrogen dissociation for the full collapse time. Another im-

Table 3. Number of direct collapse regions in the simulation Horizon-
noAGN.

Criteria z = 9.83 z = 7.31
JLW,crit = 30 8 814
JLW,crit = 30, Z 6 10�3.5Z� 2 373
JLW,crit = 100 2 153
JLW,crit = 100, Z 6 10�3.5Z� 0 42
JLW,crit = 300 1 13
JLW,crit = 300, Z 6 10�3.5Z� 0 2

portant caveat is the resolution of the simulation, �x = 1kpc and
MDM,res = 8 ⇥ 107 M�, which does not allow us to capture the first
metal-enrichment of halos, simply because we do not resolve small
halos. Rather than the quantitative numbers, Horizon-noAGN al-
lows us to explore trends in a statistical sense.

Fig. 4 shows the number density obtained for the simulation
Chunky (in orange, and violet) and Horizon-noAGN (in light blue).
All the grey symbols represent previous studies: the light grey

c� 0000 RAS, MNRAS 000, 000–000



What if there is a trace amount of H2

✤ Massive stars up to 1000 M⦿ 
can be formed in minihalos 
(Hirano et al 2014, Latif & 
Schleicher 2015) 

✤ LW flux helps in suppressing 
H2 formation and keeps the 
gas warm with 8000 K down to 
~ pc scales 

✤ Key requirement for the 
formation of supermassive  
star is mass inflow rate of 
0.1 M⦿ /yr

Latif & Volonteri 2015  
MNRAS 452 1026L



Sink Masses & accretion ratesBlack hole formation in the early universe 21

Figure 17. The masses of the sink particles and their mass ac-
cretion rate are shown against time for halo A. The strength of
incident field is shown by different colors and line styles as de-
scribed in the legend.
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What if fragmentation occurs at smaller scales

★ Analytical model for disk 
fragmentation 

★ Assumptions:                                                               
Steady state condition                 
Marginally stable (Q=1) 
Embedded in large inflow 
rates of 0.1 M⦿/yr 

★ Solve for thermal balance  

★ Viscous Heating 

Latif & Schleicher 2015 A&A 578 A 118 L

Latif & Schleicher: Black hole formation in high redshift protogalaxies

In the case of Keplarian rotation, ΩK =

√

GM∗
R3

. As realis-

tic disks are at least partially supported also via turbulent
and thermal pressure, we assume here that the rotation is
not entirely Keplerian, but adopt an efficiency parameter
ϵK = Ω/ΩK ∼ 0.5 which describes the deviations of the an-
gular velocity Ω from the Keplerian rotation. Using such a
rotational profile, the viscous heating rate can be evaluated
as

Q+ =
9
4
νΣΩ2. (5)

It may also be noted that similar expressions for the
viscous heating rate are given by Pringle (1981) and
Balbus & Hawley (1998).1 The cooling rate per surface area
of the disk can be computed as follows:

Q− = 2HΛH/H2 . (6)

Here ΛH/H2 is the atomic or molecular cooling rate in units
of erg/cm3/s and H is the height of the disk. To compute
the viscosity of the disk, we adopt the standard formalism
given by Shakura & Sunyaev (1973) as

ν = αcsH, (7)

where α is the viscous parameter and is calculated by com-
bining equations 1, 2, 3 and 7 as

α =
ṀtotG
3c3s
. (8)

Solving the thermal balance equation (i.e., Q+ = Q−)
with respect to Ω in the case of molecular cooling, we get
the following expression:

Ω
2
=
24πcs
9Ṁtot

(8 × 109)0.45
√

4πmpG
ΛH2 (9)

For the densities given in the disk (> 108cm−3), we
use the optically thick H2 line cooling by employing

the opacity factor min
[

1,
(

nH2/(8 × 109 cm−3)
)−0.45]

given by

Ripamonti & Abel (2004). We use the high density limit
for H2 cooling given by Galli & Palla (1998) adopted from
Hollenbach & McKee (1979). We further assume that the
transition from the molecular to the atomic cooling regime
occurs once the gas temperature reaches a value of ≥
4000 K. For atomic cooling regime, solving the thermal bal-
ance equation yields the following relation:

Ω
2
=
3Ṁtot(2πGmp)2.5

8πcs
f (T )ΛH (10)

where f (T ) is given as (Omukai 2001; Inayoshi & Haiman
2014)

f (T ) = 5.0 × 10−11T 1.2exp
(

−1.27 × 105

2T

)

. (11)

1 We note that there is a factor of two difference between the
expressions given by Pringle (1981) and Lodato (2007) which
comes from the fact whether one considers one side of the disk
or both sides. We do not distinguish here between both sides
of the disk and therefore use the expression given by Lodato
(2007).

Here ΛH is the atomic cooling function. We use the ex-
pression given in the appendix B of Anninos et al. (1997)
originally computed by Cen (1992) to take into account the
cooling due to the collisional excitation of hydrogen atoms
(known as atomic line cooling). We have checked using a
one-zone model that the latter indeed yields the dominant
contribution in this regime (Grassi et al. 2014). We note
that the differences between Eqs. (9) and (10) arise due
to the multiplication with the species abundances, as well
as the correction factor due to the optical depth. As we are
considering a case with a large inflow rate onto the disk, the
central star will form and grow via rapid accretion, and the
central star will also dominate the gravitational potential
at least on the scales considered here. The surface density
of the disk can be computed as

Σ =
cs
πG

√

GM∗
R3
, (12)

and density inside the disk is

n =
Σ

4πmpcs

√

GM∗
R3
. (13)

We estimate the initial masses of the clumps as

Mc,i = ΣH2. (14)

These clumps can grow via accretion and we compute the
maximum clump mass, the so-called the gap-opening mass,
by using the relation given in Levin (2007):

Mc = Mc,i

[

12π
α

0.3

]1/2 ( R
H

)1/2
. (15)

The mass accretion rate onto the clumps (Ṁc) is estimated
as:

Ṁc =
3
2
ΣΩ (RH)2 , (16)

where RH is the Hill radius given as

RH = R (Mc/30M∗)1/3 . (17)

M∗ is the mass of the central star. The Kelvin-Helmholtz
(KH) contraction time scale is estimated as :

tKH =
Mc

Ṁc
∼ 104

(

Mc

30M⊙

) [

Ṁc

3 × 10−3M⊙yr−1

]−1

yr. (18)

The Kelvin-Helmholtz (KH) contraction time scale given
above is equivalent to the mass accretion time scale and is
valid in the presence of high accretion rates (0.1 M⊙/yr),
which remain in the stage of adiabatic evolution as long
as the accretion rate is high. In the case of accretion rates
below 10−2 M⊙/yr, we compute the KH timescale using the
following expression (Hosokawa et al. 2012):

tKH =
GM2

∗

R∗L∗
, (19)

where M∗ is the mass, R∗ is the radius and L∗ is the lumi-
nosity of the protostar. We use Eq. (4) of Hosokawa et al.
(2012) to compute the luminosity and their Fig. 5 to esti-
mate the radius of the star. The clumps formed inside the
disk will migrate inward provided that the migration time
scale is shorter than the time for the clumps to contract
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In the case of Keplarian rotation, ΩK =
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GM∗
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tic disks are at least partially supported also via turbulent
and thermal pressure, we assume here that the rotation is
not entirely Keplerian, but adopt an efficiency parameter
ϵK = Ω/ΩK ∼ 0.5 which describes the deviations of the an-
gular velocity Ω from the Keplerian rotation. Using such a
rotational profile, the viscous heating rate can be evaluated
as

Q+ =
9
4
νΣΩ2. (5)

It may also be noted that similar expressions for the
viscous heating rate are given by Pringle (1981) and
Balbus & Hawley (1998).1 The cooling rate per surface area
of the disk can be computed as follows:

Q− = 2HΛH/H2 . (6)

Here ΛH/H2 is the atomic or molecular cooling rate in units
of erg/cm3/s and H is the height of the disk. To compute
the viscosity of the disk, we adopt the standard formalism
given by Shakura & Sunyaev (1973) as

ν = αcsH, (7)

where α is the viscous parameter and is calculated by com-
bining equations 1, 2, 3 and 7 as

α =
ṀtotG
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. (8)

Solving the thermal balance equation (i.e., Q+ = Q−)
with respect to Ω in the case of molecular cooling, we get
the following expression:
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9Ṁtot

(8 × 109)0.45
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For the densities given in the disk (> 108cm−3), we
use the optically thick H2 line cooling by employing

the opacity factor min
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1,
(

nH2/(8 × 109 cm−3)
)−0.45]

given by

Ripamonti & Abel (2004). We use the high density limit
for H2 cooling given by Galli & Palla (1998) adopted from
Hollenbach & McKee (1979). We further assume that the
transition from the molecular to the atomic cooling regime
occurs once the gas temperature reaches a value of ≥
4000 K. For atomic cooling regime, solving the thermal bal-
ance equation yields the following relation:
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expressions given by Pringle (1981) and Lodato (2007) which
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or both sides. We do not distinguish here between both sides
of the disk and therefore use the expression given by Lodato
(2007).

Here ΛH is the atomic cooling function. We use the ex-
pression given in the appendix B of Anninos et al. (1997)
originally computed by Cen (1992) to take into account the
cooling due to the collisional excitation of hydrogen atoms
(known as atomic line cooling). We have checked using a
one-zone model that the latter indeed yields the dominant
contribution in this regime (Grassi et al. 2014). We note
that the differences between Eqs. (9) and (10) arise due
to the multiplication with the species abundances, as well
as the correction factor due to the optical depth. As we are
considering a case with a large inflow rate onto the disk, the
central star will form and grow via rapid accretion, and the
central star will also dominate the gravitational potential
at least on the scales considered here. The surface density
of the disk can be computed as
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and density inside the disk is
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We estimate the initial masses of the clumps as

Mc,i = ΣH2. (14)

These clumps can grow via accretion and we compute the
maximum clump mass, the so-called the gap-opening mass,
by using the relation given in Levin (2007):
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The mass accretion rate onto the clumps (Ṁc) is estimated
as:

Ṁc =
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ΣΩ (RH)2 , (16)

where RH is the Hill radius given as

RH = R (Mc/30M∗)1/3 . (17)

M∗ is the mass of the central star. The Kelvin-Helmholtz
(KH) contraction time scale is estimated as :
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Ṁc
∼ 104

(

Mc

30M⊙

) [

Ṁc

3 × 10−3M⊙yr−1

]−1

yr. (18)

The Kelvin-Helmholtz (KH) contraction time scale given
above is equivalent to the mass accretion time scale and is
valid in the presence of high accretion rates (0.1 M⊙/yr),
which remain in the stage of adiabatic evolution as long
as the accretion rate is high. In the case of accretion rates
below 10−2 M⊙/yr, we compute the KH timescale using the
following expression (Hosokawa et al. 2012):

tKH =
GM2

∗

R∗L∗
, (19)

where M∗ is the mass, R∗ is the radius and L∗ is the lumi-
nosity of the protostar. We use Eq. (4) of Hosokawa et al.
(2012) to compute the luminosity and their Fig. 5 to esti-
mate the radius of the star. The clumps formed inside the
disk will migrate inward provided that the migration time
scale is shorter than the time for the clumps to contract

3



Thermal properties of disk
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Fig. 2. Results for the generic disk models with central
source and an initially molecular gas (Table 2). The species
abundances and heating/cooling rates are given for the S2A3
(generic disk model with central source of 100 M⊙ and accretion
rate of 10−3 M⊙ yr−1). We refer to the caption of Fig. 1 for the
description of the panels.
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Fig. 3. Results for the self-regulated disk models with an
initially molecular gas (Table 4), plus species abundances and
heating/cooling rates for the reference case S1 (self-regulated
disk with central source of 1 M⊙ and an accretion rate of
10

−1 M⊙ yr−1). The top panel shows the gas surface density as
a function of radius. We refer to the caption of Fig. 2 for the
description of the other panels.
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Disk properties for central star of 10 M☉

Latif & Schleicher 2015 A&A 578 A 118 L

Latif & Schleicher: Black hole formation in high redshift protogalaxies

Fig. 1. The disk properties for the central star of 10 M⊙. The temperature, the surface density, the viscous parameter
α and the clump masses are shown here. The left panel shows the atomic while the right panel depicts the H2 cooling
regime.
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Clump masses & time scales comparison
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Latif & Schleicher: Black hole formation in high redshift protogalaxies

Fig. 1. The disk properties for the central star of 10 M⊙. The temperature, the surface density, the viscous parameter
α and the clump masses are shown here. The left panel shows the atomic while the right panel depicts the H2 cooling
regime.
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Latif & Schleicher: Black hole formation in high redshift protogalaxies

Fig. 2. The disk properties for the central star of 10 M⊙. The migration, the Kelvin-Helmholtz, the orbital and the
viscous time scales as well as the accretion rates onto the clumps are shown here. The left panel shows the atomic while
the right panel depicts the H2 cooling regime.
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Key findings of this model

★  Temperature of the disk increases due to viscous heating 
for higher accretion rates 

★ H2 gets collisionally dissociated (Also see Schleicher et al 
2016)   

★ Clumps are able to migrate inward on short time scales, 
even tidally disrupted within central 10 AU  

★ Feedback from the central star only becomes 
important at later stages for 104 M☉

Latif & Schleicher 2015 A&A 578 A 118 L



 Number density of DCBHs
Conditions for DCBH formation 2041

Figure 4. Predicted redshift evolution of the comoving number density of putative DCBH formation sites, nDCBH(z), for six different models, each represented
by one type of data point (see the text and Table 2 for details). For most models nDCBH gently decreases with redshift. This figure shows that the predicted
nDCBH(z) at a given z depend especially strongly on (i) the escape fraction of LW photons, (ii) Jcrit, and (iii) the presence of winds.

close separations of dark matter haloes. As stated previously, we
assume that mmin = 4 × 107([1 + z]/11)−3/2 M⊙. It is worth stress-
ing that the outflows sterilize putative DCBH formation sites in
dark matter haloes well above this mass scale (see Fig. 2). Apart
from raising the global background, lower mass haloes would not
contribute to the abundance of potential DCBH formation sites in
the presence of outflows.

We use a Monte Carlo procedure to generate a large number of
random realizations of the spatial distribution of dark matter haloes
surrounding the gas cloud of interest. For each realization, we assign
LW luminosities to the field dark matter haloes using equation (8),
and compute the total LW flux illuminating the target halo from

JLW =
Nm∑

i=1

Nr∑

j=1

N(mi ,rj )∑

k=1

⟨J 1s
LW(rj , Mi, tff )⟩![rj − rs(mi)]

×BLW(Rk,1)![Rk,2 − (1 − ϵDC)], (13)

where !(x) is the Heaviside step function [!(x) = 0 for x ≤ 0,
!(x) = 1 for x > 0]. The Heaviside function in the first line ensures
that we do not include haloes which lie inside the radius of pollution
by the neighbouring halo/galaxy (i.e. r > rs, where rs is given by
equation (4)). The sum over k reflects the fact that any given mass–
radius bin may contain N (mi, rj ) ≡ 4πr2

j drj
dnST
dM

dmi > 1 haloes.
The Heaviside function in the second line accounts for the finite
‘duty cycle’ of the dark matter haloes in our models. The factor
BLW(Rk,1) ≡ dex(σLW

√
2erf−1[2Rk,1 − 1]) accounts for the lognor-

mal fluctuations in the LW luminosity of single dark matter haloes,
where the Rk variables denote random numbers between 0 and 1
(see D08).

Equation (13) gives the LW flux that is seen by a collapsing
cloud in a single Monte Carlo realization. We repeat the Monte
Carlo calculation Nmc times in order to derive an accurate PDF of
JLW. We are specifically interested in the probability

P (JLW > Jcrit) = Nmc(JLW > Jcrit)
Nmc

, (14)

where Nmc(JLW > Jcrit) denotes the number of Monte Carlo simula-
tions in which we found JLW > Jcrit. In cases we need to compute the
low-probability tail of the LW-flux PDF, we need many (potentially
as large as Nmc ≫ 107) Monte Carlo runs to sample the full PDF.
Fortunately, the high-flux tail of the PDF is dominated by single
nearby sources, and can be computed analytically (see D08). We
discuss these analytic calculations in the appendix.

4 D C B H FO R M AT I O N P RO BA B I L I T Y

We compute the number density of putative DCBH host haloes,
nDCBH(z), as

nDCBH(z) =
∫ Mmax

Mmin

dnST(z)
dM

P (JLW > Jcrit|z)Pgen(M, z)dM, (15)

where P(JLW > Jcrit|z) is given by equation (14), and Pgen(M, z) is
described in Section 2.2. We approximate this expression as

nDCBH(z) ≈ n(M > M4[z])P (JLW > Jcrit|z)Pgen(M4[z], z). (16)

Here, M4(z) denotes the halo mass at which Tvir = 104 K. We inte-
grate over the (redshift dependent) dark matter halo mass function
to compute n(M > M4[z]). We point out that the redshift dependence
of P(JLW > Jcrit|z) is embedded in the halo mass function evolution,
the mass-dependent radius of the enriched bubbles [equation (5); we
evaluate this expression at tff(z)], the relation between halo mass and
LW luminosity [equation (7); evaluated at tff(z)], and the two-point
correlation function12 ξ (M4, M, r, z).

Fig. 4 shows the predicted nDCBH(z) at z = 10, 12, 14, . . . for six
different models, which are described in Table 2. In each model, we

12 We have approximated the redshift dependence of ξ by simply rescaling
the two-point function computed at z = 10 with the linear growth factor
D+(z) as

ξ (z) = ξ (z = 10)
[

D+(z)
D+(z = 10)

]2

. (17)

MNRAS 442, 2036–2047 (2014)

Dijkstra et al 2014 MNRAS 442 2036 Also see Habouzit,Volonteri, ML et al. 2015



Observational tests

★ ATHENA X-ray 

observatory 

★ Expected to probe a few 

hundred low luminosity 

AGNs at z>6 

★ Provide direct constraints 

on BH seed formation 

mechanisms 

★ Expected launch in late 
2020s Aird et al. Athena white paper, Volonteri & Begelman 2010

The Hot and Energetic Universe: The formation and growth of the earliest supermassive black holes 
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z~20–30, whereas the more massive seeds from monolithic collapse can grow through extended periods of more 
moderate accretion. Understanding this early growth remains a major challenge in astrophysics. 

To constrain models of early SMBH formation and growth we must identify AGNs at z>6 and accurately measure the 
distribution of their accretion power (i.e. their luminosity function). Searches for luminous optical quasars at z>6 have 
placed important constraints on models of the early growth of SMBHs. However, the masses of the SMBHs powering 
these luminous quasars are several orders of magnitude larger than could be produced by any known seed mechanism. 
In fact, such quasars are identified based on their high luminosities, which require in turn masses in excess of 109 

M�.  Any dependence on the initial conditions is erased as the final mass is effectively determined by their sustained 
accretion, or through several mergers, while the initial seed mass and its early growth represent a tiny fraction of the 
final mass. To accurately track the growth of early SMBHs – and thus provide meaningful constraints for models of 
seed formation and how most SMBHs increase their masses – we must probe more typical, lower mass SMBHs. Thus, 
we must identify lower luminosity and obscured z>6 AGNs, which correspond to the majority of early SMBH 
growth.2 

 
Figure 1: Expectations for the number counts of high-redshift AGNs (z=6–8). The blue circles show predicted measurements 
with Athena+, based on extrapolations from lower z; the error bars are based on the predicted number of detected sources with 
the 1-year Athena+ survey described in Section 4. The shaded regions show predictions based on theoretical models (see Volonteri 
& Begelman 2010) that differ by black hole formation mechanism and growth rate (red: Population III star remnants, Eddington 
accretion; orange: massive seeds, Eddington accretion; green:  massive seeds, 30% Eddington accretion). All of the models are built 
to produce billion solar masses SMBHs by z=6 (which are found powering luminous QSOs) and to be in satisfactory agreement 
with the luminosity function of AGNs at z=0.5–6 as well as the SMBH mass density at z<3 and the M-� relation at z=0. The 
sizes of the regions correspond to current uncertainties (for a given seed/growth prescription) related to the limited volume that 
can be currently modeled and will be reduced by future simulations that combine high resolution with large volumes. The figure 
indicates the constraints that Athena+ will provide on different physical models for early SMBH growth and formation – for 
example, finding a low number density of z=6–8 AGNs would imply low growth rates and rule out PopIII seeds, which must 
grow at high accretion rates to satisfy current observational constraints. 

                                                                    
2 We also note that recent observations (Schawinski et al. 2011) and theoretical considerations (Volonteri & Begelmann 2010) suggest that 

some seed black hole formation might be delayed until low redshift (z~1). Athena+ will allow us to identify very low mass (~104-106 M�) 
growing black holes in star-forming galaxies at z~1–3 enabling us to characterise their birth environments and thus constrain formation 
mechanisms. 



Sobral et al. 2015, Matthee et al 2014

CR7: Potential host for a DCBH
H S T  P H O T O M E T RY  F U L LY  C O N S I S T E N T  

Prime target for JWST!

➡The brightest Lyman alpha 
emitter at z=6.6 (CR7) 

➡Shows strong Lyman alpha & 
He1640 emission 

➡No metal lines detected from 
UV to infrared  

➡Such strong line emission can 
be explained either via 107 
M⦿  in Pop III stars with top 
heavy IMF or a massive BH 
of 106 M⦿ residing in metal 
poor environment
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CR7: Potential host for a DCBH
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Figure 15. Masses of the second, third, and forth most massive
haloes at z = 6.6, assuming that they merge to one halo within
100Myr. The grey region indicates the required mass range for
clump A and C of CR7 and we show 512 different merger tree
realisations. The fourth most massive clump D should be signifi-
cantly less massive than clump C, because otherwise one should
see a fourth clump present in CR7. In this sample, we find con-
stellations in the right mass range and with MD/MC ! 0.1. The
most massive clump B has always a mass of ∼ 1012 M⊙.

In contrast, the DCBHs reside by construction in low-
metallicity haloes with a much higher gas mass of up to
∼ 109 M⊙. These higher masses can be reached because
we quench Pop III star formation in the host halo with a
strong LW flux from a nearby star-forming halo. We find
that DCBHs reside in a metal-free environment for only sev-
eral tens of Myr before they are polluted by merging with the
neighbour halo. DCBHs therefore reside in low-metallicity
haloes only down to z ≈ 8.5, which is ∼ 240Myr before
z = 6.6. When interpreting this result, one should keep in
mind that the rapidly-changing metallicity of the host halo
due to the merger is an artefact of our recipe for DCBH
formation. For this analysis, we use an optimistic value of
Jcrit = 100. The actual value can be up to an order of mag-
nitude higher (Section 5) so the derived values should be
treated with caution, since a higher Jcrit might inhibit the
formation of DCBHs. A lower value of Jcrit may lead also to
lighter seeds with masses in the range 104 − 105 M⊙.

4.6 Comparison of scenarios

In this section, we compare the three models and estimate,
which has the highest probability to reproduce the observa-
tions of CR7. To do so, we assume that CR7 is an ongoing
merger of the three clumps A, B, and C, which merge at
z0 = 6.0. This is the most plausible scenario to obtain the
right constellation of masses in CR7 as shown in Figure 15.
The most massive halo B always fulfils the requirement of
MB ≈ 1012 M⊙, whereas only < 10% of the merger tree
realisations yield masses in the right range for halo A and
C. Out of this subset, a small fraction also meets the crite-
rion that the fourth most massive halo D is significantly less
massive than the third most massive halo. We assume that
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Figure 16. Comparison of the three different models, regarding
the metallicity of clump A at z = 6.6 and the mass of the stellar
population or of the BH, respectively. The contours illustrate the
probability of 68% (1σ) and 99% (3σ) to find an object within
this region in the mass-metallicity-plane. The grey shaded area
indicates the region in which we expect the system to have the
same observational signature as CR7. A Pop III stellar population
has to have a mass of ∼ 107 M⊙ and a black hole should be in the
mass range 105 − 106 M⊙ to yield the observed line luminosities.
The upper limit of the metallicity is set by Zlimit, in order not
to violate the observed metal line ratios. BHs of different origin
might reside in metal-poor halos at z = 6.6, but only DCBH are
massive enough to account for the observations.

halo D should be at least an order of magnitude less mas-
sive than halo A (MD/MA ! 0.1). This mass distribution is
the anticipated constellation of CR7. We analyse the metal-
licity, and estimate the masses of both Pop III stars (with
the fiducial model) and BHs resulting from the two differ-
ent seeding scenarios in halo A at z = 6.6. The results are
shown in Figure 16. For a given scenario, this plot illustrates
the probability for a certain mass-metallicity combination.
For Pop III stars, the stellar mass in clump A at z = 6.6
remains always below 103 M⊙ and the halo has a metallic-
ity of ∼ 10−3. Pop III remnant black holes might reside in
metal-poor halos at z = 6.6, but are not massive enough
(! 103 M⊙) to explain CR7. Only the DCBH scenario can
explain the observed line luminosities. For the given mass
constellation of the halos A, B, C, and D, the probability
that clump A hosts Pop III stars is 37%, that it hosts a
Pop III remnant BH is 98% and that it hosts a DCBH is
10%. These probabilities add up to over 100%, because due
to merging of the progenitor halos, clump A can contain
Pop III stars and black holes at the same time. Compar-
ing these results to, e.g., Figure 11 shows that it is crucial
to treat CR7 as three individual clumps. The third most
massive halo A is less affected by metal enrichment, but the
Pop III remnant BHs do not merge to masses above 103 M⊙.
Under these conditions and with the optimistic assumption
of Jcrit = 100 we find that ∼ 90% of the DCBHs reside in
sufficiently metal-poor gas at z = 6.6.

Only∼ 0.5% of all the merger tree realisations, yield the
right mass constellation and out of these, only 9% produce
results that are consistent with the observations of CR7. Ac-

c⃝ 2015 RAS, MNRAS 000, 1–19
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Figure 4. Mean cosmic Pop III SFR for all four models per
comoving volume. The primordial SFR peaks around redshift 20,
and decreases at z < 12.
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Figure 5. Mass of metal-free or metal-poor gas as a function of
time for all four models. Here, we assume that the final halo has a
mass Mh = 1.2×1012 M⊙ at z = 6.6 and we only account for gas
in its resolved progenitor haloes, which explains the rise at early
times. This plot illustrates the maximum available amount of gas
to form Pop III stars, but even in the most promising Zcrit model
the mass of gas available for Pop III star formation is limited to
! 108 M⊙.

ing an SFE of 100%. For all the models this mass remains
below ∼ 108 M⊙. In the model in which we allow primordial
stars to also form in metal-enriched gas at Z < Zcrit, we
have more gas to form Pop III stars at lower redshifts and
still 107 M⊙ of low-metallicity gas just above z = 6.6. These
values are derived for Mh = 1.2× 1012 M⊙.

The stellar mass in Pop III stars and Heii line luminosi-
ties are shown in Figure 6. For the lower mass IMF there
are 105 M⊙ of Pop III stars in CR7, whereas the other mod-
els yield values of 102 − 103 M⊙. The mass of pristine gas
drops steeply before this redshift and only less massive stars
with longer lifetimes can survive to be present in CR7. The
Heii luminosity is a steep function of the stellar mass, and
massive stars are favoured to reproduce the observations.
The Zcrit model yields larger masses of low-metallicity gas
down to smaller redshifts and consequently allows primor-
dial star formation at later times. Hence, more massive stars
can also survive to contribute to the Heii luminosity at z =
6.6. The Zcrit model produces the highest Heii luminosities,
which are still more than 10 orders of magnitude below
the observed value of 1.95 × 1043erg s−1. Even for a higher
halo mass, the final luminosities are too small. We note
that the corresponding Lyα luminosity for Pop III stars in a
∼ 1012 M⊙ halo is of the order 1036 − 1037 erg s−1, which is
about 7 orders of magnitude below the observed value.

What mostly limits the Heii luminosity is the mass of
Pop III stars that survive until z = 6.6. To show this effect,
we plot the stellar mass distribution of primordial stars in
Figure 7. The more massive the stars, the shorter the life-
times and the smaller the probability that they survive long
enough to be present down to z = 6.6. For M < 2M⊙ this
plot represents the IMF, since the lifetimes of these stars are
long enough for them to survive until z = 6.6. For higher
masses we see that the Zcrit model is the most likely one to
also contain stars that are ∼ 10M⊙ since it has the largest
amount of gas available for star formation down to lower
redshifts. But even these stars are not massive enough to
contribute significantly to the Heii luminosity, due to the
steep dependence of the Heii luminosity on the stellar mass
(see also Table 1). We also test more extreme models for
the Pop III IMF with a mass range from Mmin = 10M⊙

to Mmax = 1000M⊙ and find significantly fewer primordial
stars at z = 6.6 and also a smaller Heii line luminosity than
in the fiducial model. ForMmin " 50M⊙ there are no Pop III
stars at all that might contribute to the Heii luminosity at
z = 6.6, because such massive stars explode within a few
Myr as SNe.

Coupling star formation to the merger history of the
haloes induces a higher scatter in the stellar mass per halo.
Hence, the merger model leads to a broader distribution
of Heii luminosities at z = 6.6. We show the probability
distribution function of the luminosities at this redshift in
Figure 8. The expected Heii luminosities for a halo mass
of Mh = 1012 M⊙ span more than six orders of magnitude
with a maximum value of ∼ 1032 erg s−1. The recipe for star
formation in mergers (equation 8) is only an extrapolation
to lower-mass haloes and higher redshifts. But even in the
most optimistic case, in which all the pristine gas turns into
Pop III stars during a major merger of two ∼ 106 M⊙ mini-
haloes, ∼ 100 such mergers are required just above z = 6.6
to account for 107 M⊙ of Pop III stars at that redshift. It is

c⃝ 2015 RAS, MNRAS 000, 1–19



 Greene & Ho 2005, Greene 2012, Volonteri +08

“Left over” seeds in  low mass galaxies

because they were shining via the energy released as material falls
into (or is accreted by) the central supermassive black hole23. The
existence of real supermassive black holes, with masses of
hundreds of millions of times the mass of the Sun became
commonly accepted, but it was far less clear whether these
monsters represented a rare and long-lived phenomenon, or
whether all galaxies contained supermassive black holes with
short-lived bright episodes.

Twenty years later we finally learned that supermassive black
holes are common. In fact, we believe that most massive galaxies
contain a central supermassive black hole. The evidence came
from both stellar dynamics and accretion (Box 1). A survey by Ho
et al.24 searched the centres of nearby, ‘normal’ galaxies for subtle
evidence that trace amounts of gas was falling into a central black
hole. Amazingly enough, most (B70%) massive galaxies showed
clear signs of accretion onto a supermassive black hole (see review
in ref. 25). At the same time, stellar dynamical work was
providing increasing evidence that every bulge-dominated galaxy
harbours a supermassive black hole1. It became clear that black
holes were preferentially associated with galaxy bulges. (Bulges
are ellipsoidal in shape and comprises mostly old stars that move
on random orbits through the galaxy. In contrast, disks are flat
components of galaxies, where stars all orbit the galaxy on
coplanar circular paths. Disks contain gas and ongoing star
formation. If a bulge component contains no disk, we call it an
elliptical galaxy). Furthermore, the ratio of black hole to bulge
mass was apparently constant to within a factor of two to three26.

Unfortunately, understanding the black hole population
becomes increasingly challenging as one considers lower and
lower-mass galaxies. Low-mass galaxies typically contain more
cold gas, more dust and higher levels of ongoing star formation.
The dust obscures emission from accretion, while the star

formation masks it. Furthermore, if the correlation between black
hole mass and bulge mass applies, the black holes in smaller
galaxies are less massive, which makes their emission weaker.

Dynamical evidence for black holes in low-mass galaxies. For
the handful of low-mass galaxies nearest to us, it is possible to
search for the gravitational signature of a central black hole. In
stark contrast to bulge-dominated galaxies, these nearby small
galaxies show no evidence for a central massive black hole, with
an upper limit of 1,500 M} for the galaxy M33 (ref. 27) and of
104 M} for NGC 205 (ref. 28). Lora et al.29 and Jardel and
Gebhardt30 find that the black hole masses of two very-low-mass
dwarf galaxies in our local neighbourhood cannot be larger
than t104 M}. While most massive, bulge-dominated galaxies
contain black holes (an ‘occupation fraction’ close to unity),
clearly the occupation fraction drops in low-mass galaxies
without bulges. Do 50% of dwarf galaxies contain black holes
or only 1%? And how does that fraction change with the mass of
the galaxy? I adopt a transition mass of 1010 M}, based on the
findings from the Sloan Digital Sky Survey (SDSS) that active
galaxies become rare below this stellar mass31.

Apart from M33 and NGC 205, there are very few galaxies near
enough to place interesting limits on the presence or absence of a
black hole based on the motions of stars or gas at the galaxy
centre (Box 1). Barth et al.32 studied the nuclear kinematics of the
bulgeless galaxy NGC 3621. This galaxy also shows some evidence
for accretion (Box 1). They place a very conservative upper limit
of 3! 106 M} on the mass of a central massive black hole, which
would be improved by better measurements of the stellar ages in
the star cluster surrounding the black hole. Seth et al.33 used the
motions of a gas disk in the centre of the small S0 galaxy NGC
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Figure 1 | Evolution of seed black holes. Schematic of the evolution of seed black holes assuming two different formation mechanisms (the death of the
first generation of massive stars versus the direct collapse of gas into a black hole). Dark matter halos and the galaxies in them grow through merging. Black
holes grow both via merging and by accreting gas. One additional complication is that after merging, gravitational radiation ‘recoil’ (see text for details) may
send the black hole out of the galaxy. At present, we can distinguish between the two scenarios based on the fraction of small galaxies that contain massive
black holes (we call this the ‘occupation fraction’).
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“Left over” seeds in  low mass galaxies

404 to find a likely black hole mass of B5! 105 M}. Neumayer
and Walcher34 find upper limits of B106 M} for nine bulgeless
spirals, confirming that such galaxies contain low-mass black
holes if they contain a central black hole at all.

Bulgeless galaxies with active nuclei. M33 taught us that not all
low-mass galaxies contain central supermassive black holes. The
galaxy NGC 4395, a galaxy very similar in mass and shape to
M33, shows that some low-mass galaxies do contain nuclear black
holes35. Like M33, NGC 4395 is small and bulgeless. Unlike M33,
NGC 4395 contains unambiguous evidence for a central massive
black hole (Box 1), including extremely rapid variability in the
X-rays36 and a radio jet37. While we do not know precisely, the
black hole mass is likely 104–105 M} (refs 38–40).

NGC 4395 highlights the utility of using nuclear activity as a
fingerprint of low-mass black holes when their gravitational
signature is undetectable. In 2004, Aaron Barth reobserved the
forgotten active galaxy POX 52 (refs 41,42), which has a near-
identical optical spectrum to NGC 4395. POX 52 also appears to
contain a B105 M} black hole. NGC 4395 went from being an
unexplained oddball to the first example of a class of objects, with
POX 52 being the second example. But are there more? Greene
and Ho43 were inspired to perform the first large systematic
search for this new class of ‘low-mass’ accreting black holes.

In 2003, the SDSS44 had just started to provide pictures and
spectra of objects over one-quarter of the sky, exactly what was
needed to search for the rare and elusive low-mass black holes.

Greene and Ho43 went through hundreds of thousands of galaxy
spectra to pick out the accreting black holes with fast-moving gas
at their centres (Box 1). They then picked out the B200 systems
with masses o106 M} (refs 43,45). Greene and Ho chose this
mass because it is similar to the mass of the black hole at our
galaxy centre, and serves as the anecdotal low-mass cutoff of
supermassive black holes. Dong et al.46 also searched through the
SDSS for low-mass black holes with similar criteria, increasing the
total sample by B30%.

Subsequent searches of the SDSS have adopted different
approaches. While looking for galaxies with pristine, metal-free
gas, Izotov and Thuan47 present evidence for accreting black
holes in four vigorously star-forming galaxies, again based on the
detection of fast-moving gas that is most likely orbiting a black
hole with MBH B104–106 M} (Box 1). In contrast, a number of
groups are now first selecting low-mass galaxies, and then
searching for signatures of accretion (ref. 48).

Multiwavelength searches. Searches for low-mass black holes
using the SDSS were an important first step, and allowed us to
comb through hundreds of thousands of galaxies. However, they
are fundamentally limited in two ways. First, in galaxy nuclei with
ongoing star formation, dust obscuration and emission from star
formation hides the evidence of nuclear activity. Second, the
SDSS takes spectra of a biased sample of relatively bright galaxies,
which makes it very difficult to calculate a meaningful occupation
fraction49.

An obvious way to circumvent these biases, and complement
the original optical searches, is to use other wavebands. X-rays,
for instance (Box 1), are such high-energy photons that they can
only be hidden by very large quantities of gas. Radio and mid-
infrared wavelengths are also relatively unaffected by dust
absorption. On the other hand, multiwavelength searches to
date have been restricted to small samples.

The fraction of low-mass (Mgalo1010 M}) galaxies with X-ray
emission coming from the nucleus has been studied both as a
function of stellar mass50,51 and galaxies comprising old stars
morphology52,53. The former studies focused on galaxies com-
prises old stars, while the latter focused on star-forming galaxies.
Less than 20% of non-star-forming galaxies with Mgalo1010 M}
have nuclear X-ray sources with LX\2.5! 1038 erg s" 1, while in
star-forming galaxies of similar mass, B25% of galaxies contain
X-ray nuclei above the same luminosity. The difference in
detection rate is likely due to a lack of gas to consume in the red
galaxies. Below, I will use these detection fractions to estimate the
occupation fraction in galaxies with Mgalo1010 M}.

The X-ray luminosities probed here are very low. If a 105 M}
black hole has very little to accrete, it will only shine very weakly,
in this case with an X-ray luminosity as low as LXt1038 erg s" 1.
However, stellar-mass black holes can sometimes shine with this
luminosity as well, although they are not very common; the best
guess is that B10% of the sources are actually powered by 10 M}
black holes while the rest are powered by B105 M} black
holes50. However, as we look at less and less luminous X-ray
sources, more and more of them will be powered by stellar-mass
black holes. A luminosity of LXt1037 erg s" 1 is a typical
luminosity for a radiating stellar-mass black hole and so at this
luminosity nearly all detected sources will be stellar-mass black
holes. Owing to confusion about the nature of the detected
objects, we are reaching the limit of what X-ray searches alone
can tell us about the demographics of low-mass black holes. It is
possible that including X-ray variability information will also help
weed out the stellar-mass black holes54.

The high-ionization [Ne V] line, detected in mid-infrared
spectroscopy, is a reliable indicator of active galactic nuclei

Theory: Stellar death

Theory: Direct collapse
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Figure 2 | The Occupation Fraction. We show the expected fraction
of galaxies with Mgalt1010 M} that contain black holes with MBH\
3! 105 M}, based on the models of ref. 20, as presented in ref. 7, for high
efficiency massive seed formation (solid purple line), as well as stellar
deaths (green dashed line). Using data from the literature, the large circles
show the fraction of galaxies containing black holes greater than 106 M}

(lower points) and greater than 3! 105 M} (higher points) based on
Desroches et al.52 (blue) and Gallo et al.50 (red). The difference between
the two roughly represents the systematic errors in the methods. See text
for details. Although the uncertainties are very large, we find tentative
evidence in support of the efficient massive seed models (purple solid line).
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Future plans

★The formation and evolution of supermassive BHs at high 
redshift  

★ The formation of earliest quasars  

★ Lyman alpha emission from first galaxies 

★ Formation of the first and second generation of stars



Summary

➡Direct isothermal collapse provides massive seeds of about 105 

M☉but sites are rare  

➡Large accretion rates of ~0.1 M☉/yr are found in 
simulations with moderate UV flux 

➡Fragmentation occurs occasionally but clumps migrate 
inwards 

➡Viscous heating leads to collisional dissociation of H2 
and help in stabilising the disk. 

➡Complete isothermal collapse may always not be 
necessary to form supermassive stars of about ~105 

M☉



Thank you 谢谢



The formation and evolution of supermassive BHs at high 
redshift 

★ Derive mass distribution of BHs to provide constraints on their 
masses and growth mechanisms 

★ Make predictions for JWST, ATHENA, WFIRST and SKA 

★ Provide recipes for BH formation in large cosmological simulations 

★ Compute scaling relations between properties of hosting halo and 
BH mass 

★ Build a statistical sample of high resolution simulations 

★ Self-consistently investigate the impact of UV feedback from a 
supermassive star and X-ray feedback from BH itself by 
employing MORAY ray tracer



The formation of earliest quasars 

★ Investigate in detail the origin of the first quasars 

★  Compute typical black hole masses in high-z galaxies 
(z>=5) and understand under what conditions BHs can grow 
more efficiently (environment, mergers etc) 

★ Derive Magorrian relation at high redshift 

★ High resolution simulations of DM halos of 1011-1013 M⦿ 

including AGN feedback, In-situ star formation, supernova 
feedback, metal and dust cooling  

★ Employing the MORAY ray tracer for AGN feedback



Lyman alpha emission from first galaxies

★ Compute observational signatures of Lyman alpha emitting 
galaxies 

★ Explore the origin of Lyman alpha emission 

★ Investigate the number density of peculiar sources like 
CR7  

★  Post-process cosmological simulations with and without 
AGN feedback with Lyman alpha radiative transfer code



First galaxies

➡Formed in massive halos at 
z=10 with Tvir ⩾ 104 K 

➡First galaxies likely comprise 
both Pop III and Pop II 
stars 

➡Observed at z >7 Bouwens + 
2011, Ellis+13, Oesch +14 

➡ First galaxies are known to 
be strong Lyman alpha 

emitters typical Lum~1042 

erg/s, sizes ~ few kpc. 
➡Source & origin not 

completely known.



Origin of Lyman Alpha emission

➡Baryons fall into the center of 
the galaxy through cold streams 

(~104 K, n=0.01-1 cm3)  
➡Accretion flows and virialization 

shocks are the potential drivers 
of the observed LAEs  

➡Lyman alpha flux of 5x10-17 

erg cm-2 s-1 is emerged from 
the envelope of the halo  

➡Emission of Lyman alpha photons 
is extended Such flux can be 
probed with JWST 

Latif et al 2011 b & c



Primordial gas chemistry  

★ At T> 104 K, Lyman 
alpha is the main coolant 
in primordial gas 

★ H2 cooling becomes 
efficient at T<8000 K 

★ In the presence of 
strong LW flux, H2 gets 
dissociated

  

Primordial gas chemistry

➢ Ly α is an efficient coolant 

for T
vir 

>104 K halos

➢ At T<8000 K, H
2 
cooling

➢ Cools the gas to 300 K

➢ Strong Lyman Werner flux

➢ Photodissociation of H
2



My work on BH formation

✦ Explored thermal, dynamical and physical 
properties

✦ Investigated the role of turbulence and magnetic 
fields

✦ Computed the expected masses of supermassive 
stars which later may collapse into mass black 
hole.     

✦ Assessed the feasibility of direct collapse black 
holes by comparing their number density against 
quasars abundance at z=6                           



8 Latif et al.

Figure 2. Spherically averaged and radially binned radial profiles at the end stage of our simulations are shown here. In the top panel,
the density, the temperature, the enclosed gas mass and the mass inflow rates while in the bottom panel, the radial velocity, the turbulent
velocity, the sound speed and the ratio of Vrot/σ. The red and blue lines represent halo1 and halo 2, respectively. The figure shows the
average behaviour of the above mentioned quantities at various stages of the collapse including the initial isothermal collapse, the H−

cooling and the radiation trapping regimes.

c⃝ 0000 RAS, MNRAS 000, 000–000

Latif, Schleicher & Hartwig 2015 (arXiv:1510.02788)

Global properties of simulated halos



Impact of H- cooling & Realistic opacities
Black hole formation 9

Figure 3. The average density along the projection axis at the end stage of our simulations. The rows represent halo 1 and halo 2 while
the columns from left to right show projections along x, y and z axis for the central 0.1 pc. The figure shows that only single object forms
in the halo 1 while halo 2 shows two clumps. The masses of the clumps are a few M⊙ at this stage but are expected to grow rapidly at
later times.

Figure 4. Same as figure 3, showing the average temperature along the projection axis. The figure shows the local impact of H− cooling.
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Simulation Setup

➢ Comoving period box of 1 Mpc/h in size

➢ Cosmological Initial conditions at z=100

➢ 6 Million MD particles 

➢ Two nested grids + 27 refinement levels

➢ Halo masses of  ~ 107 M⨀

➢ UV flux of various strengths                                               
in units of J21

➢ X-rays

➢ First high resolution studies to explore                          
the formation of  seed BHs

➢ Perform Cosmological simulations using AMR code 
ENZO

Simulation setup



Sobral et al. 2015

CR 7: Potential detection of DCBH
H S T  P H O T O M E T RY  F U L LY  C O N S I S T E N T  

Prime target for JWST!

H S T  P H O T O M E T RY  F U L LY  C O N S I S T E N T  

Prime target for JWST!



Mirziani  & Sulentic 2012

Black holes mass distribution  

Figure 9: MBH versus z for a low-z sample (grey dots Zamfir et al., 2010), and
several imtermediate to high z samples. Red circles: Marziani et al. (2009); open
squares: Dietrich et al. (2009); open triangles: Shemmer et al. (2004); filled pentagons:
Netzer et al. (2007); filled squares: Trakhtenbrot et al. (2011); open starred octagons:
Willott et al. (2010); filled octagons: Kurk et al. (2007); large spot at z ≈ 7: the high-z
quasar whose discovery was announced in late June 2011 (Mortlock et al., 2011). The
dashed line marks MBH = 5·109 M⊙.

32



High z Quasars

  



Formation of low mass stars
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